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Synchrotron X-rays?

The spectral character of the broad-band emission of 3C 273 jet (Jester+ 07), as well as the
detection of the X-ray counterjet in FR II radio galaxy 3C 353 (Kataoka+08), indicates that
the synchrotron scenario for the X-ray emission of Chandra quasar jets may be more likely

than the IC/CMB model.
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GRS 1915+105

Fender et al. (1999)

GRS 1915+105: EJECTION EVENTS
Rodriguez & Mirabel, 1999

Mirabel & Rodriguez, 1994

cannonballs vs fireballs
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APPARENTLY 
SUPERLUMINAL MOTIONS

A source moving with velocity  emits two photons at 
time interval  in the same direction making with  
an angle . 

The path of photon #2 is shifted from the path of 
photon #1 by . 

Photon #1 is closer to the observer than photon #2 by 
, it will arrive earlier by 

. 

The apparent speed of the source is 

.
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APPARENTLY 
SUPERLUMINAL MOTIONS

The apparent speed of the source is 

. 

Maximum value:  
for the viewing angle satisfying 

 and . 

Lower limit: 

vapp =
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RELATIVISTIC DOPPLER EFFECT
We showed that  
(light-travel effect) 

The co-moving emission interval 
(Lorentz transformation for ): 

 

frequency transformation: 

 

the relativistic Doppler factor 

for : 

Δtobs = (1 − β cos θobs)Δtem

Δ ⃗r′ = 0

Δt′ em =
Δtem

Γ

νobs

ν′ em
=

Δt′ em

Δtobs
=

1
Γ(1 − β cos θobs)

≡ 𝒟

cos θobs = β 𝒟 =
1

Γ(1 − β2)
= Γ

en:TxAlien, CC BY-SA 3.0, Wikimedia Commons

a source moving to the right with v = 0.7c



SUPERLUMINAL MOTIONS AND DOPPLER EFFECT

For some blazars it is possible 
to independently determine 
apparent speed  

and Doppler factor . 

Inversing the relations 

 and 

: 

 and 

βapp = vapp/c
𝒟

βapp =
β sin θobs

1 − β cos θobs

𝒟 =
1

Γ(1 − β cos θobs)

Γ =
𝒟2 + β2

app + 1
2𝒟

tan θobs =
2βapp

𝒟2 + β2
app − 1

534 T. Hovatta et al.: Doppler factors, Lorentz factors and viewing angles for a sample of AGN

Fig. 8. Distribution of θvar of the fastest flare in each source.

Fig. 9. Correlation between Lorentz factors from LV99 and the new val-
ues (excluding the outlier source 0923+392 with a Lorentz factor of 216
in the new analysis).

be, when we are characterising a complex, changing jet with just
two parameters, both assumed to be constant.

In addition to having twice as high apparent speeds in gen-
eral, there are also some extreme sources showing very high
apparent motion. While in LV99 the highest apparent speed
was 14.9, we now have two sources (0923+392 and 1730-130)
with βapp > 35c. As a consequence, the Lorentz factors of these
sources are also extremely high, Γvar = 216 for 0923+392 and
Γvar = 65 for 1730-130. We also note that if the βapp = 45.9 for

Fig. 10. Observable quantities βapp and log(Tb,var) together with intrinsic
parameters Γvar and θvar.

the source 1510-089 from Jorstad et al. (2005) is accepted, our
log(Tb,var) = 14.4 would indicate a Γvar = 71. Thus, the existence
of a class of very fast jets should perhaps at least be considered
as a possibility.

However, at least the Γvar = 216 seems rather unlikely in
view of our current knowledge of the jets in AGN. One alterna-
tive explanation is that 0923+392 has a higher observed bright-
ness temperature than what we have obtained (log(Tb,var) = 12.6)
from our monitoring. If we saw changes of about 1 Jy within a
time period of a week, the brightness temperature would be of
the order of 1015 K, which would change the Lorentz factor to a
more acceptable value of under 50. Our sampling, like in other
monitoring programmes, is too sparse to detect such rapid flares
reliably, and therefore we have initiated a denser monitoring
schedule for the source. Another possibility is that the source has
a complicated internal structure or geometry, such that the TFD
variations and the apparent speeds do not refer to the same com-
ponent (e.g. Alberdi et al. 1993; Fey et al. 1997; Alberdi et al.
2000). However, independent of our Tb,var estimates, 0923+392
must have a Lorentz factor of at least 43 as Γ ≥ βapp.

In Fig. 10 we have plotted the observable quantities βapp
and log(Tb,var). We have included curves to mark areas of dif-
ferent Γvar and θvar. The outlier sources are clearly visible in
this plot but otherwise the sources are within rather well-defined
limits. Almost all the sources have Γvar < 40 and θvar < 20◦.
The differences between the source classes are also seen in this
plot, with GALs having slow speeds and low brightness tem-
peratures. Using Monte-Carlo simulations, Cohen et al. (2007)
find an upper limit for the Lorentz factor to be Γ ≈ 32. This
agrees quite well with our results, although in our sample we
have five sources with Γvar between 30 and 50 and two quasars
with Γvar > 50.

Hovatta et al. 
(2009)

brightness temperature Tb ∝ 𝒟3



RELATIVISTIC ABERRATION

solid angle transformation: 

 

intensity transformation: 

, hence  

luminosity transformation: 

, hence 

ΔΩobs =
ΔΩ′ em

𝒟2

Iν

ν3
= const Iν,obs = 𝒟3I′ ν,em

L = ∫ Lν dν ∝ ν4 Lobs = 𝒟4L′ em

Brandeker 
(2002)

Γ = 1 Γ ≃ 1.15 Γ ≃ 7.1

W.  Eberhardt / Journal of Electron Spectroscopy and Related Phenomena 200 (2015) 31–39 33

Fig. 2. Spectral distribution of Synchrotron Radiation as function of the electron beam energy Ee (from Ref. [1]).

opening angle (1/! , see Fig. 3) of the synchrotron radiation emis-
sion, whereas in an undulator the deflection angle of the electrons
is smaller than the opening angle. Consequently in an undulator the
entire electron trajectory is located within the cone of the emitted
radiation. There is a smooth and continuous transition between
these two regimes.

On the other hand, this seemingly small difference results in
remarkably large differences in the characteristics of the emit-
ted radiation. In a wiggler, or whenever the deflection angle of
the electrons is larger than the natural collimation angle of the
emitted radiation, the radiation intensity just is summed up inco-
herently along the electron trajectory visible to the experiment
along the length of the device. The main purpose of the wiggler is to
extend the usable photon energy range to higher energies. This is
accomplished by wigglers having a larger magnetic field and thus a
higher critical energy than the bending magnets of the same facility.
Typically wigglers are constructed as a series of superconducting
magnet poles, which have magnetic fields as high as 7 T, whereas a
typical bending magnet has a field of 1 to 1.2 T.

Analytically these devices are distinguished via the dimension-
less deflection parameter K.

K = ˛!

where  ̨ is the maximum angle of deflection of the electron beam in
the device and ! is the reduced energy E/m0c2. Given the maximum
strength of the (sinusoidal) magnetic field Bo and the period of the
undulator (wiggler) "u, K can be calculated as

K = 0.934"u (cm)Bo (T)

For K > 1 the deflection angle is larger than the opening angle
of the radiation and this is a wiggler, whereas for K < 1 the entire
trajectory is contained within the natural radiation cone of the
synchrotron radiation. The angular emission characteristics of the
wiggler is accordingly enhanced by the deflection angle to K/! hor-
izontally, while it remains confined vertically to 1/! .

In the undulator the electron and the photons travel essentially
at the speed of light, but the electron has a slightly longer path,

Fig. 3. Emission pattern of the (dipole) radiation of a relativistic charged particle within its own frame of motion (left side) and as seen from an observer in the laboratory
(right  side).

Eberhardt (2015)

synchrotron radiation

for : 

 (!)

𝒟 ≃ Γ ∼ 10
Lobs ∼ 104L′ em



BLAZARS



GAMMA-RAY VARIABILITY OF BLAZARS
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SHORTEST VARIABILITY 
TIME SCALES

L72 AHARONIAN ET AL. Vol. 664

Fig. 1.—Integral flux above 200 GeV observed from PKS 2155!304 on
MJD 53,944 vs. time. The data are binned in 1 minute intervals. The horizontal
line represents I(1200 GeV) observed (Aharonian et al. 2006) from the Crab
Nebula. The curve is the fit to these data of the superposition of five bursts
(see text) and a constant flux.

Fig. 2.—Fourier power spectrum of the light curve and associated mea-
surement error. The gray shaded area corresponds to the 90% confidence in-
terval for a light curve with a power-law Fourier spectrum . The!2P ∝ nn

horizontal line is the average noise level (see text).

AGNs known as blazars. As a result, blazar variability studies
are crucial to unraveling the mysteries of AGNs. Over a dozen
blazars have been detected so far at very high energies (VHEs).
In the southern hemisphere, PKS 2155!304 is generally the
brightest blazar at these energies and is probably the best studied
at all wavelengths. The VHE flux observed (Aharonian et al.
2005a) from PKS 2155!304 is typically of the order ∼15% of
the Crab Nebula flux above 200 GeV. The highest flux previously
measured in one night is approximately 4 times this value, and
clear VHE-flux variability has been observed on daily timescales.
The most rapid flux variability measured for this source is 25
minutes (Aharonian et al. 2005b) occurring at X-ray energies. The
fastest variation published from any blazar, at any wavelength, is
an event lasting∼800 s, where the X-ray flux fromMrk 501 varied
by 30% (Xue & Cui 2005),30 while at VHEs doubling timescales
as fast as ∼15 minutes have been observed fromMrk 421 (Gaidos
et al. 1996).
The High Energy Stereoscopic System (H.E.S.S.; Hinton

2004) is used to study VHE g-ray emission from a wide variety
of astrophysical objects. As part of the normal H.E.S.S. ob-
servation program, the flux from known VHE AGNs is mon-
itored regularly to search for bright flares. During such flares,
the unprecedented sensitivity of H.E.S.S. (5 standard deviation,
j, detection in ∼30 s for a Crab Nebula flux source at 20!
zenith angle) enables studies of VHE flux variability on time-
scales of a few tens of seconds. During the 2006 July dark
period, the average VHE flux observed by H.E.S.S. from PKS
2155!304 was more than 10 times its typical value. In par-
ticular, an extremely bright flare of PKS 2155!304 was ob-
served in the early hours of 2006 July 28 (MJD 53,944). This
article focuses solely on this particular flare. The results from
other H.E.S.S. observations of PKS 2155!304 from 2004
through 2006 will be published elsewhere.

2. RESULTS FROM MJD 53,944

A total of three observation runs (∼28 minutes each) were
taken on PKS 2155!304 in the early hours31 of MJD 53,944.

30 Xue & Cui (2005) also demonstrate that a 60% X-ray flux increase in
∼200 s observed (Catanese & Sambruna 2000) from Mrk 501 is likely an
artifact.

31 The three runs began at 00:35, 01:06, and 01:36 UTC, respectively.

These data entirely pass the standard H.E.S.S. data-quality se-
lection criteria, yielding an exposure of 1.32 hr live time at a
mean zenith angle of 13!. The standard H.E.S.S. calibration
(Aharonian et al. 2004) and analysis tools (Benbow 2005) are
used to extract the results shown here. As the observed signal
is exceptionally strong, the event-selection criteria (Benbow
2005) are performed using the “loose cuts,” instead of the
“standard cuts,” yielding an average postanalysis energy thresh-
old of 170 GeV. The loose cuts are selected since they have a
lower energy threshold and higher g-ray and background ac-
ceptance. The higher acceptances avoid low-statistics issues by
estimating the background and significance on short timescales,
thus simplifying the analysis. The on-source data are taken from
a circular region of radius centered on PKSv p 0.2!cut
2155!304, and the background (off-source data) is estimated
using the “Reflected-Region” method (Berge et al. 2007).
A total of 12,480 on-source events and 3296 off-source

events are measured with an on-off normalization of 0.215.
The observed excess is 11,771 events (∼2.5 Hz), corresponding
to a significance of 168 j calculated following the method of
equation (17) in Li & Ma (1983). It should be noted that use
of the standard cuts also yields a strong excess (6040 events,
159 j) and results (i.e., flux, spectrum, variability) consistent
with those detailed later.

2.1. Flux Variability

The average integral flux above 200 GeV observed from PKS
2155!304 is I(1200 GeV) p (1.72" 0.05 " 0.34 )#stat syst

cm s , equivalent to ∼7 times the I(1200 GeV) observed!9 !2 !110
from the Crab Nebula ( ; Aharonian et al. 2006). Figure 1ICrab
shows I(1200 GeV), binned in 1 minute intervals, versus time.
The fluxes in this light curve range from to ,0.65I 15.1ICrab Crab
and their fractional rms variability amplitude (Vaughan et al.
2003) is . This is ∼2 times higher than ar-F p 0.58" 0.03var
chival X-ray variability (Zhang et al. 1999, 2005). The Fourier
power spectrum calculated from Figure 1 is shown in Figure 2.
The error on the power spectrum is the 90% confidence interval
estimated from simulated light curves. These curves are410
generated by adding a random constant to each individual flux
point, where this constant is taken randomly from a Gaussian
distribution with a dispersion equal to the error of the respective
point. The average power expected when the measurement error
dominates is shown as a dashed line (see the Appendix in

November 2012, the mean flux above 300 GeV was
ð6:08 T 0:29Þ # 10−11 cm−2s−1; that is, four times
higher than the highest flux during previous
observations in 2009/2010. The measured spec-
trum (Fig. 3) can be described by a simple power
law with a differential photon spectral index of
G ¼ 1:90 T 0:04stat T 0:15syst in the energy range
of 70 GeV to 8.3 TeV (table S2). Owing to its prox-
imity, the spectrum of IC 310 is only marginally
affected by photon-photon absorption in collisions
with the extragalactic background light (EBL).
IC 310 harbors a supermassive black hole with

a mass of M ¼ ð3þ4
−2 Þ # 108Msun (section S1.1),

corresponding to an event horizon light-crossing
time of DtBH ¼ ð23þ34

−15 Þ min. The mass has been
inferred from the correlation of black hole
masses with the central velocity dispersion of
their surrounding galaxies (29, 30). The reported
errors are dominated by the intrinsic scatter of
the distribution. The same value of the mass is
obtained from the fundamental plane of black
hole activity (31). The scatter in the fundamental
plane for a single measurement is larger and
corresponds to a factor of e7:5.
During 3.7 hours of observations, extreme var-

iabilitywithmultiple individual flareswas detected
(Fig. 4 and figs. S3 and S4). The flare has shown
the most rapid flux variations ever observed in
extragalactic objects, comparable only to those
seen in Mrk 501 and PKS 2155-304. A conserva-
tive estimate of the shortest variability time scale
in the frameof IC 310 yieldsDt=ð1þ zÞ ¼ 4:8min.
It is the largest doubling time scale with which
the rapidly rising part of the flare can be fitted
with a probability > 5% (fig. S4). The light curve
also shows pronounced large-amplitude flicker-
ing characterized by doubling time scales down
to Dte1 min. The conservative variability time
scale corresponds to 20% of the light travel time
across the event horizon, or 60% of it, allowing
for the scatter in the dynamical black hole mass
measurement.
From the absence of a counter radio jet and

the requirement that the proper jet length does
not exceed the maximum of the distribution of
jet lengths in radio galaxies, the orientation an-
gle was found to be in the range q ~ 10° to 20°
(section S1.2), and the Doppler factor consistent
with d ≈ 4 (32). These values put IC 310 at the
borderline between radio galaxies and blazars.
The jet power estimated from observations of the
large-scale radio jet is Lj ¼ 2# 1042 erg s−1, as-
suming that it contains only electrons, positrons,
andmagnetic fields in equipartition of their energy
densities (section S1.3). For a radiative efficiency
of 10%, the Doppler-boosted average luminosity
of the jet emission amounts to 0:1d4Lj ≈ 5# 1043

erg s−1, which is close to the one observed in very
high-energy gamma rays. For de4, the variability
time scale in the co-moving frame of the jet,
where it should be larger than GjDtBH, is actually
close to DtBH (Fig. 1). A very high value of the
Doppler factor is required to avoid the absorption
of the gamma rays due to interactions with
low-energy synchrotron photons, inevitably co-
produced with the gamma rays in the shock-in-
jet scenario. The optical depth to pair creation by

thegammarays canbeapproximatedby tggð10 TeVÞ
e300ðd=4Þ

−6ðDt=1minÞ−1ðLsyn=1042ergs−1Þ.Adopt-
ing a nonthermal infrared luminosity of e1% of
the gamma-ray luminosity during the flare, the
emission region would be transparent to the
emission of 10-TeV gamma rays only if d ≳ 10.

For the range of orientation angles inferred from
radio observations, the Doppler factor is con-
strained to a value of d < 6 (Fig. 1). One can spec-
ulate whether the inner jet, corresponding to
the unresolved radio core, bends into a just-right
orientation angle to produce the needed high

1082 28 NOVEMBER 2014 • VOL 346 ISSUE 6213 sciencemag.org SCIENCE
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SPECTRAL ENERGY DISTRIBUTION 
OF A LUMINOUS BLAZAR

Hayashida et al. (2012)
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Fig. 8.— Spectral energy distribution of Mrk 421 averaged over all the observations taken
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(MJD 54983). The legend reports the correspondence between the instruments and the mea-
sured fluxes. The host galaxy has been subtracted, and the optical/X-ray data were corrected
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SPECTRAL ENERGY DISTRIBUTION 
OF A LOW-LUMINOSITY BLAZAR
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BLAZAR SEQUENCE
746 D. Donato et al.: Hard X–ray properties of blazars

Fig. 10. The average SED of the blazars studied by Fossati et al. (1998), including the average values of the hard X–ray spectra.
The thin solid lines are the spectra constructed following the parameterization proposed in this paper.

luminosities at 4.47 keV (the logarithmic mid point be-
tween 2 and 10 keV).

The continuous lines in Fig. 10 correspond to a simple
parametric model derived by the one introduced by Fossati
et al. (1998). We introduce minor modifications, adopted
both to better represent our data at small luminosities
and to follow a more physical scenario, in which the low
power HBLs can be described by a pure synchrotron–self
Compton model (see e.g. Ghisellini et al. 1998). We re-
mind the reader here of the key assumptions of the F98
parametric model:

• The observed radio luminosity LR = (νLν)|5 GHz is as-
sumed to be linearly proportional to the bolometric lu-
minosity, and related to the location of the synchrotron
peak through:

νs ∝ L−η
R (1)

Table 4. Average values of the X–ray luminosity at 4.47 keV
(νLν values) and average 2–10 keV spectral indices, for the
sources in common with Fossati et al. (1998), for each radio
luminosity bin.

< log νrLνr > < log νxLνx > Nsources αx

@4.47 keV 2–10 keV

<42 44.2 12 1.39 ± 0.21

42–43 44.5 5 1.19 ± 0.21

43–44 44.9 6 0.95 ± 0.11

44–45 45.8 6 0.68 ± 0.02

>45 47.0 11 0.58 ± 0.06

where η = 1.8 for LR < 3 × 1042 erg s−1 and η = 0.6
for LR > 3 × 1042 erg s−1.

Fossati et al. (1998) 
Donato et al. (2001)

FSRQs

BL Lacs



BLAZAR SEQUENCE: SUPERLUMINAL MOTIONS
MOJAVE. XVII. KINEMATICS & PARENT POPULATION 9

Figure 6. Maximum apparent jet speed versus synchrotron peak frequency for jets in the MOJAVE survey, as well as those in the survey of Piner & Edwards
(2018). Upper limit values are denoted by downward arrows. Quasars are indicated by black circles, radio galaxies by green stars, narrow-line Seyfert 1 galaxies
by violet stars, high synchrotron peaked BL Lac objects by red triangles, and other BL Lac objects by blue squares. Filled symbols indicate detections by
ground-based TeV gamma-ray observatories. The cross symbols indicate BL Lacs for which only upper and lower limits on the redshift are known.

Despite many studies on the radio luminosity functions (LFs)
of AGNs, there is still no consensus on whether radio-loud
AGN LFs evolve with lookback time in a manner consis-
tent with increasing number density, increasing luminosity,
or a mixture of both (Best et al. 2014; Smolčić et al. 2017;
Yuan et al. 2018). There are also indications that lower power
(i.e., FR I) AGNs may evolve differently than the high power
(FR II) population (Rigby et al. 2008). Given these uncer-
tainties, we have adopted a simple pure luminosity evolu-
tion parameterization for flat spectrum radio quasars used by
Ajello et al. (2012) and Mao et al. (2017):

Φ(L,z) ∝ Φ(L/e(z)), (5)

where

e(z) = (1 + z)kez/η, (6)

and

Φ(L/e(z = 0)) ∝ Lγ . (7)

Our approach is to find the best fit values of γ, η and k using
the MOJAVE data. We restrict our comparisons to quasars
in the 1.5JyQC sample only, given the possibility that the
BL Lac objects may be drawn from a different (i.e., lower
power, or FR I) parent population (Urry & Padovani 1995).
We set the lower limit on the parent LF at 1024 W Hz−1

based on the least powerful known FR II radio galaxies (e.g.,
Antognini et al. 2012).

4.2.2. Redshift Distribution

By adopting a pure luminosity evolution model, we assume
that the parent jet population has a constant co-moving den-
sity with redshift. All of the 1.5JyQC quasars have red-
shifts greater than 0.15, with the exception of TXS 0241+622
(z = 0.045). In order to avoid small number statistics in this
nearby volume of space, we drop this AGN from our data
comparisons and set the lower redshift limit of our simula-
tion to z = 0.15. Because the form of LF evolution is not well
known at very high redshift, we set the upper redshift limit in
our simulations to that of the highest redshift 1.5JyQC quasar:
OH 471 (z = 3.4).

4.2.3. Bulk Lorentz Factor Distribution and Doppler Boosting
Index

Due to the strong selection biases associated with Doppler
boosting, any large flux density-limited jet sample should con-
tain some jets with the maximum Lorentz factor in the popu-
lation (viewed at small θ). In the MOJAVE sample the fastest
instantaneous measured jet speed is approximately 50 c for an
accelerating feature in the jet of PKS 0805−07 (Lister et al.
2016), which corresponds to a Γmax " 50 . In light of our
discussion of the observed apparent velocity distributions in
§ 3.2.2, we adopt a power law Lorentz factor distribution for
our simulated jets of the form N(Γ) ∝ Γb, where b is a free
parameter with values less than zero and Γ ranges from 1.25

MOJAVE survey 
VLBA at 15 GHz 

Lister et al. (2019)



BLAZAR SEQUENCE: 
OPTICAL POLARIZATIONThe optical polarization of GL and GQ blazars 9

Table 4. The logarithm of the rest-frame synchrotron peak fre-
quencies.

ID Log(νS/Hz) ID Log(νS/Hz)
(RBPL ...) (RBPL ...)

GL from Mao et al. (2016)
J0136+4751 13.0 J1224+2122 13.9

J0238+1636 12.9 J1224+2436 15.4
J0259+0747 12.7 J1229+0203 13.5
J0423−0120 12.7 J1230+2518 14.9

J0442−0017 13.0 J1231+2847 15.0
J0510+1800 13.1 J1238−1959 14.1

J0750+1231 13.1 J1245+5709 14.8
J0841+7053 12.5 J1248+5820 14.9
J0957+5522 13.0 J1253+5301 13.9

J0958+6533 13.2 J1314+2348 14.9
J1159+2914 13.3 J1357+0128 14.8

J1222+0413 14.0 J1427+2348 15.3
J1256−0547 13.0 J1512+0203 13.6

J1337−1257 13.0 J1516+1932 13.0
J1512−0905 13.3 J1542+6129 14.6
J1553+1256 13.0 J1555+1111 15.5

J1604+5714 13.1 J1558+5625 14.2
J1635+3808 12.7 J1607+1551 13.4

J1637+4717 12.8 J1649+5235 14.4
J1642+3948 12.7 J1653+3945 16.1
J1722+1013 12.8 J1725+1152 16.0

J1751+0939 12.7 J1727+4530 13.2
J1800+7828 13.5 J1748+7005 13.8

J1824+5651 12.9 J1749+4321 13.2
J1849+6705 13.0 J1754+3212 14.3

J2000−1748 12.4 J1806+6949 14.7
J2005+7752 13.4 J1809+2041 15.4
J2143+1743 14.1 J1813+0615 14.1

J2148+0657 13.2 J1813+3144 15.0
J2225−0457 12.5 J1836+3136 14.9

J2253+1608 13.2 J1838+4802 15.8
J2311+3425 13.0 J1841+3218 16.3

J2334+0736 12.8 J1844+5709 14.3
J1903+5540 14.4

GL from 3FGL J1911−1908 15.9

J0045+2127 16.0 J1927+6117 13.4
J0114+1325 15.0 J1959+6508 16.9

J0136+3905 16.2 J2015−0137 14.4
J0211+1051 14.1 J2022+7611 14.1
J0217+0837 13.8 J2030−0622 13.2

J0222+4302 15.1 J2030+1936 15.6
J0303−2407 15.4 J2039−1046 13.8

J0336+3218 13.4 J2131−0915 16.8
J0339−0146 13.1 J2149+0322 14.1

J0340−2119 13.5 J2150−1410 17.1
J0721+7120 14.0 J2202+4216 13.6
J0738+1742 14.0 J2217+2421 13.4

J0809+5218 15.9 J2232+1143 12.7
J0818+4222 13.0 J2243+2021 15.6

J0830+2410 12.8 J2251+4030 14.6
J0848+6606 14.7 J2340+8015 15.6
J0854+2006 13.7

J1032+3738 14.1 GQ from Mao et al. (2016)
J1033+6051 13.5 J0825+6157 12.7

J1037+5711 14.7 J1551+5806 13.8
J1048+7143 13.2 J1638+5720 12.8

J1054+2210 14.6 J1854+7351 13.4
J1058+5628 15.1 J1955+5131 13.2
J1059−1134 13.6 J2024+1718 13.4

J1104+0730 14.6
J1104+3812 17.1 GQ from 3FGL

J1132+0034 14.1 J1624+5652 13.6
J1203+6031 14.9
J1217+3007 15.3 GQ from Lister et al. (2015)

J1221+2813 14.4 J1927+7358 13.2
J1221+3010 16.7

peaked (HSP) ones (with LSP, if: log(νs) < 14, ISP if:
14 ≤ log(νs) < 15 and HSP if: log(νs) ≥ 15, respectively);
at the same time their polarization varies over a broader
range. However, as GQ sources are preferentially LSPs, this
trend cannot explain their systematically lower polarization
compared to GL sources.

12 13 14 15 16 17 18
Log(νs/Hz)

0.00

0.05

0.10

0.15

0.20

0.25

0.30

0.35

0.40

p̂

GL (Mao)

GL (3FGL)

GL and “bzb”

GQ (Mao)

GQ (3FGL)

GQ (Lister et al. )

GL: mean and σ in bins

Figure 5. The polarization fraction as a function of the rest-
frame synchrotron peak frequency. The squares mark GL sources
and the circles GQ ones. For the filled symbols the peak frequency
taken from Mao et al. (2016) while for the empty ones from 3FGL
or Lister et al. (2015). The red dots denote the BL Lac subset of
GL sources. The green triangles correspond to the mean within
each frequency bin. The bin width is marked with the x-axis error-
bar and has a total length of one. The y-axis error-bars have a
length of one standard deviation computed within the bin.

4.5 Polarization angle randomness as a function

of the synchrotron peak frequency

The polarization parameters have a strong dependence on
the properties of the magnetic field (e.g. uniformity). Given
the relation between the polarization fraction and the syn-
chrotron peak frequency discussed above, we examine how
the peak frequency may be influencing the behavior of the
EVPA.

Figure 6 demonstrates how well a uniform distribution
describes the behavior of the EVPA of each source as a
function of the frequency of its synchrotron SED compo-
nent peak. For every source we compute the χ2 per degree
of freedom, χ2

red, between its angle distribution and a uni-
form one. The computation has been done for 36 sources for
which at least 20 measurements with p/σp ≥ 3 are available
so that a reliable estimate of the angle randomness can be
provided. Our calculations are done for 20 angle bins in the
closed [−90,+90] interval. A large value of χ2

red implies a big
divergence from a uniform distribution and hence a low ran-
domness of the EVPA, which consequently centers around a
preferred direction (e.g. Fig. 7 right-hand column). The op-
posite is the case for small χ2

red values which imply a large
randomness of the EVPA that does not prefer any direction
(e.g. Fig. 7 left-hand column). The orange circles in Fig. 6
mark the two exemplary cases shown in Fig. 7.

The Spearman’s test does not support the presence of
a monotonic relation between the EVPA randomness and
the synchrotron peak frequency (ρ = 0.34, with a p-value
∼ 0.044). Two further tests, though, indicate a dependency
between the two parameters.

First, we classified our 36 sources as: low, intermedi-
ate and high-synchrotron peaked (LSP, ISP and HSP, re-
spectively). Then we selected 0.1 as the limiting value of
χ2
red for a source to be considered as non-uniform. We then

MNRAS 000, 1–16 (2015)

RoboPol survey (Angelakis et al. 2016)
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RADIO CORE SHIFTS

 for a conical jet Δ ∝ ν−1

B′ ∝ Δ3/4

C. M. Fromm et al.: CTA 102 core-shift and spectral analysis

Fig. 2. Uniform weighted VLBA CLEAN images with fitted circular Gaussian components at different frequencies for the July 2006 observation of
CTA102. The lowest contour is plotted at 10× the off-source rms at 43 GHz and increases in steps of 2. The observing frequency and the restoring
beam size are plotted above each map. For the labeling we use capital letters for the same physical region in the jet, and the numbers increase with
inverse distance from the core. For a more detailed picture of the core region see Fig. 3.

Fig. 3. Zoom into the core region for the images presented in Fig. 2 corresponding to epoch 2006-06-08, showing the splitting of the C-components
with increasing frequency. For map details see the caption of Fig. 2.

Table 1. Typical image parameters for the CTA 102 observations.

ν Θmin Θmaj PA Pixel size
[GHz] [mas] [mas] [deg] [mas]
2 3.73 8.17 −5 0.70
5 1.52 3.65 −8 0.30
8 0.97 2.32 −7 0.20
15 0.52 1.33 −9 0.10
22 0.33 0.95 −13 0.07
43 0.18 0.45 −11 0.04
86 0.11 0.25 −19 0.03

region is taken into account for the alignment, whereas the one
based on fitted components takes only a single region into ac-
count. Nevertheless, if the source does not exhibit an extended
jet region, the approach based on fitted features would be a better

choice (see, e.g., Kadler et al. 2004; Kovalev et al. 2008; Croke
& Gabuzda 2008).

In this paper we used a hybrid approach (2D cross-
correlation and fitted components) depending on the amount of
extended structure and on the resulting spectral index maps. We
followed the work of Croke & Gabuzda (2008) and adjusted
their technique to our needs. For the alignment based on cross-
identified components we used the feature labeled as B2 for fre-
quencies ν < 22 GHz and component D2 for higher frequencies.
Both features could be cross-identified throughout our entire
data set (see Fig. 2 and Paper II).

2.1.1. 2D cross-correlation of VLBI maps

The image parameters of a VLBI map, such as map size (ms),
pixel size (ps), and convolving beam size (bs), increase with
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CTA 102; Fromm et al. (2013)

scales as 50 _Mr2
g c

! "1=2
!L1=2

acc M, where Lacc is the accretion disk lumin-

osity. The disk luminosity enters this relation via the radiative effi-
ciency g, where Lacc~g _Mc2; in this work we use g 5 0.4 (see Methods
for details).

We test the magnetically arrested disk model by plotting the values
of Wjet versus L1=2

acc M for a sample of radio-loud AGN with measured
core-shifts and accretion disk luminosities. If all sources contain mag-
netically arrested disks, then the data in this plot will display two qual-
ities: (1) there will be a positive correlation between Wjet and L1=2

acc M, and
(2) the data points will be scattered around the theoretical curve defined

by the relation Wjet<50 _Mr2
g c

! "1=2
.

We use measured core-shifts from a sample of 191 radio-loud AGN13

and from individual nearby sources12,14–18 (see Extended Data Tables 1
and 2). We have also searched the literature for available estimates
of black hole mass for the above-mentioned radio sources and found
reliable estimates for 76 of them (see Methods). The masses are estimated
assuming that the dynamics of the broad line region around the central
black hole are governed by the black hole’s gravity. Well-established
empirical correlations are then used to relate the observed luminosity
of the optical lines to the size of the broad line region, while line widths are
used to estimate the gas velocity in this region. From the size and velocity
estimates the virial mass for the central body can be calculated19–21. We
have also used reported19–22 broad line luminosities as a proxy for the
accretion disk luminosities, Lacc.

We calculate Wjet and L1=2
acc M for each source in our sample, assum-

ing a* 5 1.0, and plot our results in Fig. 2. A partial Kendall correlation
test between Wjet and L1=2

acc M, considering the common dependence of
these two quantities on redshift and mass, confirms a positive correla-
tion (over 3s significance), which is not an artefact caused by either
distance- or mass-driven selection biases (see Methods and Extended
Data Tables 3 and 4 for more details). The scatter in this correlation may
be caused by deviations from our assumptions that a* 5 1 and g 5 0.4,
as well as by observational errors. For example, most black hole spins
are predicted23 to fall in the range 0.3=a!ƒ1, and g may be different
for each source, especially for low-luminosity AGN in our sample
which are expected24 to have g=0:4. Given that our sample is made
up of diverse sources with different accretion histories, this correlation
might seem surprising. However, magnetically arrested disk theory
nicely explains this because it predicts a saturation value of magnetic
flux that is mostly independent of initial conditions10.

We fit the equation Wjet~wBH
_Mr2

g c
! "1=2

to the data by varying

the dimensionless free parameter wBH, which can be interpreted as a
dimensionless magnetic flux and is predicted to be wBH < 50 for mag-
netically arrested disks. We find a best fit, wBH 5 (52 6 5)Chj, where
the error is the 1s confidence interval. The best fit value for wBH is
expressed in terms of Chj because this value is not well known. AGN jet
launching models25 typically find Chj < 1, implying that most of the
sources are close to the magnetically arrested disk prediction, wBH < 50,
and their magnetic fields are dynamically important. However, we note
that in the less luminous regions of jets that are well downstream of the
bright radio core where our magnetic field measurements are taken, the
typical value of Chj is26 0.1–0.2, which would give wBH < 10 for most
sources. Even if this low value of Chj holds in the radio cores, it would
still imply that a fraction of the sources, including the M87 galaxy,
have dynamically important magnetic fields near their central black
holes. Because our magnetic field measurements use emission located
closer to the jet launching regions, we assume Chj < 1 as predicted by jet
launching models, and therefore wBH < 50 in agreement with magnet-
ically arrested disk predictions. Thus, our data confirm the magnetically
arrested disk model because it displays, as discussed above, a positive
correlation between Wjet and L1=2

acc M, and the data points are scattered

around the theoretical curve defined by Wjet<50 _Mr2
g c

! "1=2
.

Our data provide direct observational evidence that the inner accre-
tion disks of radio-loud AGN contain strong, dynamically important
magnetic fields regulated by the mass accretion rate. As most models
of black hole accretion disks rely on the assumption that the magnetic
pressure in the disk body is much less than the plasma pressure, our
findings imply that these models may require significant changes. In
particular, attempts to model the silhouette of the central black hole in
the M87 galaxy and the spectral energy distributions of X-ray binaries
hosting strong radio jets may be in need of significant revision. Models
of the Galactic Centre accretion disk may also need to be revised, as a
dynamically important magnetic field has been reported5 within a
distance of ,3 3 107rg from the central black hole.

The quantitative agreement between Wjet and 50 _Mr2
g c

! "1=2
demon-

strates that our current theoretical models of magnetically arrested disks
capture the most important processes in the accretion flow responsible
for jet formation. This also implies that most, if not all, radio-loud objects
contain dynamically important magnetic flux near their central black
holes and that it is the magnetic fields twisted by the rotation of these
black holes that power their jets (that is, the Blandford–Znajek mech-
anism2). These twisted large-scale magnetic fields transfer energy (in the
form of Poynting flux) from the rotating black holes out to parsec-scale
distances, where their strength can be estimated by the core-shift effect.
Our results are consistent with the proposal that radio-loud AGN con-
sist of those black hole systems whose environment/accretion history
is conducive to the formation of magnetically arrested disks, whereas
radio-quiet AGN (that is, AGN without powerful jets) have failed
to form magnetically arrested disks27. The idea that radio-quiet AGN
are failed magnetically arrested disks is bolstered by the few studies
of black hole spin made for radio-quiet AGN28, which find close to
maximally spinning black holes, implying that the Blandford–Znajek
power (which presumably controls radio-loudness) must be low due
to low magnetic flux threading their black holes. The importance of
black hole feedback in part depends on jet power, which is typically
assumed29,30 to be e0:1 _Mc2. However, our findings imply that much
higher jet powers of e _Mc2 are common3, hence suggesting that jets
play a more important role in the process of AGN feedback than
typically assumed.

METHODS SUMMARY
Our sample consists of two types of source: (1) blazars (68 sources), which are AGN
with jets directed almost at Earth such that their emission is significantly boosted by
relativistic effects, and (2) nearby radio galaxies (8 sources), which are AGN with
jets that are typically more closely aligned with the plane of the sky.
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Figure 2 | Measuredmagneticfluxofthejet, Wjet, versus L
1=2
acc M . Here we assume

that Chj 5 1; we also assume an accretion radiative efficiency of g 5 0.4 for our
sample of 76 sources. The dashed line shows the theoretical prediction based on
the magnetically arrested disk model. Filled and open circles represent blazars
and radio galaxies, respectively (see Methods for details).
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ROTATING MAGNETOSPHERE
Consider a magnetosphere 
with poloidal fields rooted in 
a rotating object (accretion 
disk). 

Rotating magnetosphere 
induces perpendicular 
electric fields. 

In the presence of plasma, 
electric currents will flow, 
redistributing electric 
charge. 

The currents induce toroidal 
magnetic field that produces 
an outwards poloidal 
Poynting flux. 

A stationary force-free 
solution can be calculated.
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where ô>o is related to z by equation (3.16). The corresponding stream function, P, 
in the notation of Okamoto (1974) is readily shown to be 

p = C p dtoQ 
2] (l+ a2(a>o') cDi 0>o'2)1/2' ^3'33^ 

To complete the electromagnetic specification we give the surface charges and 
currents in the disc 

a ��C 
— — zEz — 
^0 

€0 

e0 

= -25( 

= ZB = 

(l+a20io2)1/2’ 

_ ZCOC 
“ (l + a2¿02)l/2’ 

c 
¿üo(i +a2coo2)1/2 

Note that the current conservation equation, 

(3-34) 

(3-35) 

(3-36) 

I d 
a>0 dôjo 

(ojoJ-)= -2jZ) (3-37) 

is automatically satisfied and that the current law has been modified slightly from 
cc co-1. The fields, charges and currents are displayed in Fig. 1. 

Fig. i. Schematic representation of the magnetosphere above and below a magnetized 
accretion disc, D, surrounding a compact object, C. For the Newtonian solution (with 
a.B>o) described by equations (3.29)-(3.36), the poloidal field, Bp, lies on paraboloidal 
surfaces with the toroidal component, B^, becoming increasingly important as the light 
surface, L, is reached. The light surface drawn is appropriate for a Keplerian disc, 
a2 = RsC^Kzûçp) where Rs is the Schwarzschild radius of the compact object. The current, 
j, and charge density, p, are related by j ~ 21/2 pc close to the disc. 

We have therefore found an electromagnetic solution of the force-free field 
equations that appears to be compatible with physical boundary conditions imposed 
on an infinite, rotating current disc and, as we show below, has an acceptable 
behaviour well beyond the light surface. (The field structure is not of course force- 
free within the disc, which is a massive source of angular momentum in an exactly 

© Royal Astronomical Society • Provided by the NASA Astrophysics Data System 

Blandford (1976)

see also Lovelace (1976), Blandford & Payne (1982)



BLANDFORD-ZNAJEK (1977)
Spinning (Kerr) black hole (BH) 
threaded by net magnetic flux. 

Power extracted from the BH: 

 (valid for ), 

where  is the BH spin parameter, 
 is the magnetic flux threading 

the BH horizon.

PBZ ∝
a2

M2
BH

Φ2
BH a ≲ 0.3

a
ΦBH
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numerical demonstration: 
Parfrey et al. (2019)



PROBLEM 8: 
BLACK HOLE FIELD

Estimate (order of magnitude) the magnetic field 
strength in the immediate vicinity of a black hole of 
mass (1) , (2)  sufficient to drive a 
Poynting flux (through the  cross section) 
equal to the Eddington luminosity.

10M⊙ 109M⊙
4πR2

Sch

This problem is worth 5 points. Solutions should be sent as 1-page PDF files to 
knalew@camk.edu.pl before the next lecture.

mailto:knalew@camk.edu.pl


Stellar explosions powered by BZ mechanism L31

Figure 3. The inner region at t = 0.45 s. Left-hand panel: the magnetization parameter, log10 P/Pm and the magnetic field lines. Middle panel: the ratio of
azimuthal and poloidal magnetic field strengths, log10 Bφ /Bp and the magnetic field lines. Right-hand panel: the magnetic field strength, log10(B) and the
magnetic field lines.

Figure 4. Left-hand panel: the integral baryonic mass flux in units of M! s−1 as a function of spherical radius. Middle panel: the integral fluxes of total energy
(solid line), electromagnetic energy (dashed line) and hydrodynamic energy (dotted line). Right-hand panel: the energy flux densities at the event horizon for
electromagnetic energy (solid line) and hydrodynamic (matter) energy. Time t = 0.45 s.

where γ is the determinant of the metric tensor of space and T is ei-
ther the total stress–energy–momentum tensor or its hydrodynamic
part. The most important conclusion suggested by this figure is that
at least 80 per cent of the jet energy is provided directly by the
BH and at a very high rate, Ė # 2 × 1051 erg s−1. The remaining
20 per cent seem to be provided by the inner part of the disc – this
explains the rise of jet power between the event horizon and r #
10rg. Indeed, careful examination of the solution shows that some
magnetic field lines enter the jet from the skin layers of the disc
with ρ > 108 g cm−3. However, it remains to be shown that this is
not caused by the numerical diffusion of magnetic flux from the
funnel into the disc. The right-hand panel of Fig. 4 shows the distri-
butions of Poynting flux and hydrodynamic energy flux (including
the rest mass-energy) across the horizon and allows us to determine
whether it is the Blandford–Znajek or the MHD–Penrose mecha-
nism (Punsly & Coroniti 1990; Punsly 2001; Koide et al. 2002)
or both of them that provide the energy supply to the jets. Since
the hydrodynamic flux is everywhere negative, the MHD–Penrose
mechanism can be ruled out with certainty. This is confirmed by

the fact that the hydrodynamic energy-at-infinity is positive
everywhere inside the ergosphere. Thus, the jet is powered by the
Blandford–Znajek mechanism. For a force-free monopole magne-
tosphere, the Blandford–Znajek power is given by

ĖBZ = 1
6c

(
$h%

4π

)2

, (3)

where $h is the angular velocity of the BH and % is the magnetic
flux threading the BH. In the derivation, we assumed that the angular
velocity of magnetosphere $ = 0.5$h. This holds well even for
rapidly rotating BHs with monopole magnetospheres (Komissarov
2001) and corresponds to the mean value of $ measured in our
simulations as well. Using the measured value of %, we derive
ĖBZ # 2.6 × 1051 erg s−1 which agrees quite well with the value of
ĖBZ provided by Fig. 4. The total amount of free energy-at-infinity
in the bow shock and the bubble at time t = 0.45 s is E # 1.37 ×
1051 erg. Since the explosion develops only at t = 0.24 s, the mean
jet power over the active period is 〈Ė〉 # 6×1051 erg s−1, indicating
the higher jet power at the early stages of the explosion.

C© 2008 The Authors. Journal compilation C© 2008 RAS, MNRAS 385, L28–L32
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L30 M. V. Barkov and S. S. Komissarov

Figure 1. Solution immediately before the explosion (t = 0.24 s). Left-hand panel: the baryonic rest mass density, log10 ρ, in g cm−3 and the magnetic field
lines. Middle panel: the ratio of gas and magnetic pressures, log10 P/Pm, and velocity direction vectors. Right-hand panel: the ratio of azimuthal and poloidal
magnetic field strengths, log10 Bφ /Bp and the magnetic field lines.

Figure 2. Solution on different scales at t = 0.45 s. The colour images show the baryonic rest mass density, log10 ρ in g cm−3; the contours show the magnetic
field lines and the arrows show the velocity field.

magnetic field, Bφ , exceeds the poloidal one, Bp, by two or three
orders of magnitude. In contrast, in the funnel Bφ /Bp ! 1, reach-
ing unity only near the funnel walls. In fact, the poloidal field in
the funnel exceeds that in the disc and corona by 1–2 orders of
magnitude. This is in contrast to the conclusion made by Ghosh &
Abramowicz (1997) and Livio, Ogilvie & Pringle (1999), namely
that the poloidal field threading the BH horizon should be of the
same order as the poloidal field in the inner parts of the disc. Their
main argument, that both fields are produced by the same azimuthal
current flowing in the disc, misses the fact that additional currents
may flow in the magnetosphere and over the disc/funnel surface and
support the magnetic field inside the funnel in the manner similar
to solenoid. In our case, the poloidal field threading the BH is the
original field of the progenitor that has been accumulated during the
initial phase of free infall.

The left-hand panel of Fig. 4 shows the baryonic mass flux as a
function of spherical radius. One can see that it reduces from the

free-fall value Ṁ " −0.5 M# s−1 down to Ṁ " −0.06 M# s−1

at the event horizon. Between r " 60rg and 2500rg, this reduction
reflects the effect of the bow shock driven into the star by the jets.
The sharp reduction at r " 60rg corresponds to the position of the
accretion shock and marks the transition from approximate free-fall
to the centrifugally supported disc.

The middle panel of Fig. 4 shows the integral energy fluxes of
the jets as functions of spherical radius. To be more precise, the
integration is carried out over the whole sphere but the contribution
from areas with the baryonic rest mass density ρ > 108 g cm−3 is
excluded. We have verified that the bulk contribution to the fluxes
computed in this way comes from the jets. The baryonic rest mass
flux, ρur radial component of four-velocity, is excluded from the
total and the matter energy fluxes, that is these fluxes are computed
via

Ė = −2π

∫

S

(T r
t + ρur )

√
γ dθ, (2)
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Jets from magnetically arrested BH accretion L81

In any case, we track the amount of mass and internal energy added
in each cell during the course of the simulation and we eliminate
this contribution when calculating mass and energy fluxes.

Model A0.99f (Table 1) uses a resolution of 288 × 128 × 64
along r-, θ -, and ϕ-, respectively, and a full azimuthal wedge, #ϕ =
2π . This set-up results in a cell aspect ratio in the equatorial region,
δr : rδθ : rδϕ ≈ 2 : 1 : 7. To check convergence with numerical
resolution, at t = 14 674rg/c, well after the model reached steady
state, we dynamically increased the number of cells in the azimuthal
direction by a factor of 2. We refer to this higher resolution simu-
lation as model A0.99fh and to A0.99f and A0.99fh combined as
model A0.99fc. We also ran model A0.99 with a smaller azimuthal
wedge, #ϕ = π . We find that the time-averaged jet efficiencies of
the four A0.99xx models agree to within statistical measurement
uncertainty (Table 1), indicating that our results are converged with
respect to azimuthal resolution and wedge size.

Our fiducial model A0.99fc starts with a rapidly spinning BH
(a = 0.99) at the centre of an equilibrium hydrodynamic torus
(Chakrabarti 1985; De Villiers & Hawley 2003). The inner edge
of the torus is at rin = 15rg and the pressure maximum is at
rmax = 34rg (see Fig. 1a). At r = rmax the initial torus has an aspect
ratio h/r ≈ 0.2 and fluid frame density ρ = 1 (in arbitrary units).
The torus is seeded with a weak large-scale poloidal magnetic field

(plasma β ≡ pgas/pmag ≥ 100). This configuration is unstable to the
magnetorotational instability (MRI, Balbus & Hawley 1991) which
drives MHD turbulence and causes gas to accrete. The torus serves
as a reservoir of mass and magnetic field for the accretion flow.

Equation (1) shows that the BZ power is directly proportional to
the square of the magnetic flux at the BH horizon, which is deter-
mined by the large-scale poloidal magnetic flux supplied to the BH
by the accretion flow. The latter depends on the initial field con-
figuration in the torus. Usually, the initial field is chosen to follow
isodensity contours of the torus, e.g. the magnetic flux function is
taken as (1(r, θ ) = C1ρ

2(r, θ ), where the constant factor C1 is
tuned to achieve the desired minimum value of β in the torus, e.g.
min β = 100. The resulting poloidal magnetic field loop is centred at
r = rmax and contains a relatively small amount of magnetic flux. If
we wish to have an efficient jet, we need a torus with more magnetic
flux, so that some of the flux remains outside the BH and leads to a
MAD state of accretion (Igumenshchev et al. 2003; Narayan et al.
2003). We achieve this in several steps. We consider a magnetic flux
function, ((r, θ ) = r5ρ2(r, θ ), and normalize the magnitude of the
magnetic field at each point independently such that we have β =
constant everywhere in the torus. Using this field, we take the initial
magnetic flux function as (2(r, θ ) = C2

∫ θ ′=θ

θ ′=0

∫ ϕ′=2π

ϕ′=0 BrdAθ ′ϕ′ and
tune C2 such that min β = 100. This gives a poloidal field loop

Figure 1. Shows results from the fiducial GRMHD simulation A0.99fc for a BH with spin parameter a = 0.99; see Supporting Information for the movie. The
accreting gas in this simulation settles down to a magnetically arrested state of accretion. (Panels a–d): the top and bottom rows show, respectively, equatorial
(z = 0) and meridional (y = 0) snapshots of the flow, at the indicated times. Colour represents the logarithm of the fluid-frame rest-mass density, log10ρc2

(red shows high and blue low values; see colour bar), filled black circle shows BH horizon, and black lines show field lines in the image plane. (Panel e): time
evolution of the rest-mass accretion rate, Ṁc2. The fluctuations are due to turbulent accretion and are normal. The long-term trends, which we show with a
Gaussian smoothed (with width τ = 1500rg/c) accretion rate, 〈Ṁ〉τ c2, are small (black dashed line). (Panel f): time evolution of the large-scale magnetic flux,
φBH, threading the BH horizon, normalized by 〈Ṁ〉τ . The magnetic flux continues to grow until t ≈ 6000rg/c. Beyond this time, the flux saturates and the
accretion is magnetically arrested. (Panels (c) and (d) are during this period). The large amplitude fluctuations are caused by quasi-periodic accumulation and
escape of field line bundles in the vicinity of the BH. (Panel g): time evolution of the energy outflow efficiency η (defined in equation (5) and here normalized
to 〈Ṁ〉τ c2). Note the large fluctuations in η, which are well correlated with corresponding fluctuations in φBH. Dashed lines in panels (f) and (g) indicate time
averaged values, 〈φ2

BH〉1/2 and 〈η〉, respectively. The average η is clearly greater than 100 per cent, indicating that there is a net energy flow out of the BH.

C© 2011 The Authors, MNRAS 418, L79–L83
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ρm = B2 /8πφ

Field
Line

t = 0 t = t1 t = t2 t = t2

ba dc
Bφ » Bz υ!uid ≈ υ#eld

Ω Ω
Φ

Figure 4
Illustration of jet formation by magnetic !elds. (a) Consider a purely poloidal (i.e., toroidal !eld vanishes,
Bϕ = 0) !eld line attached on one end to a stationary “ceiling” (which represents the ambient medium and is
shown by a hashed horizontal line) and on the other end to a perfectly conducting sphere (which represents
the central black hole or neutron star and is shown by a gray-!lled circle) rotating at an angular frequency ".
(b) After N rotations, at time t = t1, the initially purely poloidal !eld line develops N toroidal loops. This
magnetic spring pushes against the ceiling with an effective pressure ρm = B2ϕ/8π due to the toroidal !eld,
Bϕ . As time goes on, more toroidal loops form, and the toroidal !eld becomes stronger. (c) At some later
time, t = t2, the pressure becomes so large that the magnetic spring, which was twisted by the rotation of the
sphere, pushes away the ceiling and accelerates the plasma attached to it along the rotation axis, forming a
jet. Asymptotically far from the center, the toroidal !eld is the dominant !eld component and determines the
dynamics of the jet. (d) It is convenient to think of the jet as a collection of toroidal !eld loops that slide
down the poloidal !eld lines and accelerate along the jet under the action of their own pressure gradient and
tension (hoop stress). The rotation of the sphere continuously twists the poloidal !eld into new toroidal
loops at a rate that, in steady state, balances the rate at which the loops move downstream. The power of the
jet is determined by two parameters (Equation 11): the rotational frequency of the central object, ", and the
radial magnetic "ux threading the object, %. Figure adapted from Tchekhovskoy (2015).

where%BH is the magnetic "ux threading the black hole event horizon,−1≤ a≤ 1 is a dimension-
less black hole spin parameter, and k is a dimensionless proportionality factor. Ignoring constant
prefactors, we can obtain this expression from dimensional analysis by writing that the jet power is
the product of magnetic energy density,∝ B2, the cross-section of the base of the jet,∝ r2g , and the
speed v ∼ c with which the energy "ows through the jets, giving P ∝ a2r2gB2c. Here, we introduce
the a2 prefactor to account for the variation of jet power with black hole spin (it has to be an even
power of spin because spin sign change, by symmetry, leaves the power unchanged). Switching
from the !eld strength, B, to the magnetic "ux, %BH ∼ Br2g , gives P ∝ (a/rg)2%2

BHc, which has the
same scaling as Equation 11.

With the advent of numerical simulations, it became clear that though Equation 11 works well
for small values of a, it underestimates the jet power for rapidly spinning black holes (Komissarov
2001). Comparison against numerical solutions shows that replacing rg with the event horizon
radius, rH = rg[1 + (1 − a2)1/2], gives a more accurate expression,

Pjet = k(a/rH)2%2
BHc × f (a), 12.

that serves well for most practical purposes at a! 0.95 with f (a) = 1 (Tchekhovskoy et al. 2010). A
higher-order correction, f (a)= 1+ 0.35(arg/rH)2 − 0.58(arg/rH)4, allows Equation 12 tomaintain
accuracy all the way up to a = 1 (Tchekhovskoy et al. 2010, Pan & Yu 2015).
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ACCELERATION OF JETS
Conservation of energy for perpendicular co-moving magnetic field : 

, 

where  is the magnetization 

Conservation of mass: 
 

Bernoulli’s equation: 

, 

where  is the Michel parameter 

Conservation of momentum: 

⃗B ′ ⊥ ⃗v

T0i = Γ2 (w′ +
B′ 2

4π ) vi

c
= Γ2(1 + σ′ )w′ βi = const

σ′ =
B′ 2

4πw′ 

Γρ′ βi = const

T0i

Γρ′ βi
= Γ(1 + σ′ )

w′ 

ρ′ 

≡ μ
w′ 

ρ′ 

= const

μ ≡ Γ(1 + σ′ )

Tij = const

Tchekhovskoy et al. 
(2009)



ACCELERATION OF JETS 
RADIAL FIELD (SPLIT MONOPOLE)

No. 2, 2009 EFFICIENCY OF MAGNETIC TO KINETIC ENERGY CONVERSION 1793

Figure 1. Results for models M90 (upper panels) and M10 (lower panels). Radial dark lines show, for the steady-state solution, the poloidal structure of field lines
from log10 r = 0 (the surface of the star) to log10 r = 10. The white radial lines on the outside show the initial nonrotating monopolar configuration of field lines. The
three thick solid lines correspond to the Alfvén surface (innermost), the fast surface (middle), and the causality surface (outermost, see Section 5.2). The fast surface
and the causality surface touch each other at the midplane (θ = π/2). Top left: color-coded Lorentz factor γ in model M90. Top right: color-coded energy flux per
unit mass flux µ in M90. Bottom left: γ in M10. Bottom right: µ in M10. In the figure we use “logarithmic” spherical polar coordinates (rl = 1 + log10 r , θl = θ ).
The numbers along the horizontal (vertical) axis correspond to the values of log10 r along that axis, i.e., rl cos θl − 1 (rl sin θl − 1). Even though in these “logarithmic”
polar coordinates the flow appears to overcollimate toward the axis (e.g., the two leftmost field lines on the upper panels), in fact dR/dz remains positive everywhere
in the solution. We note that the shape of the shown portion of the Alfvén surface is very close to a cylinder R = 1/Ω = 4/3.

reaches ultrarelativistic Lorentz factors of γ ∼ 40; however,
this value is much less than expected if all the available free
magnetic energy were to be used.

An axisymmetric magnetized wind has several conserved
quantities along field lines. Two of these are the enclosed
magnetic flux Φ and the angular velocity Ω. Another is the
ratio of poloidal magnetic flux to rest-mass flux (Chandrasekhar
1956; Mestel 1961; Li et al. 1992; Beskin 1997):

η(Φ) = γρvp

Bp

= const. along field line. (4)

Yet another conserved quantity is the quantity µ, which is the
ratio of the total energy flux to the rest-mass flux (Chandrasekhar
1956; Mestel 1961; Lovelace et al. 1986; Begelman & Li 1994;

Beskin 1997; Chiueh et al. 1998):

µ(Φ) = S + K
R

=
E

∣∣Bϕ

∣∣ + γ 2ρvp

γρvp

= const. along field line.

(5)
Here,S is the Poynting flux,K is the mass energy flux (rest-mass
R plus kinetic energy), Bϕ is the toroidal field,

E = ΩRBp (6)

is the poloidal electric field, and ρ is the mass density in the
comoving frame of the fluid. The denominator of Equation (5) is
the rest-mass flux. Since we consider highly magnetized winds,
we have S # K at the surface of the star. Moreover, at r = 1 in
the monopolar flow (Michel 1969, 1973),

∣∣Bϕ

∣∣ ≈ E ≈ Ω sin θfp, (7)

Tchekhovskoy et al. 
(2009)
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where θfp represents the value of θ at the footpoint of a field
line. Also, at the footpoint, vp and ρ are constant, and γ ≈ 1.
We thus have6

µ(θfp) ∝ sin2 θfp, (8)

for µ # γ0 (γ0 is the initial Lorentz factor at r = 1), i.e., µ is
a rapidly increasing function of θfp. This can be seen in the top
right panel in Figure 1 and also in Figure 2.

As mentioned above, the quantity µ is conserved along each
field line. However, the two energy contributions to µ, the
Poynting flux S and the mass energy flux K, are not individually
conserved. In fact, the outflowing wind converts Poynting flux
to mass energy, thereby accelerating the wind and causing γ to
increase.

If the wind were maximally efficient at accelerating the
matter, we would expect S → 0 at large distance from the
star. The Lorentz factor would then achieve its maximum value

γmax = µ. (9)

In practice, the wind falls far short of this maximum. As
Figures 1 and 2 show, µ is quite large in model M90, with
a value of 460 at the equator (θfp = π/2). However, the Lorentz
factor of the wind, even at a radius of 1010, does not exceed
40. Thus, a magnetized monopole wind is very inefficient at
accelerating the gas. For an equatorial field line in M90, the
efficiency factor γ /µ is only about 0.09, as shown in Figure 2.

Another way of describing the efficiency of conversion
of energy from electromagnetic to kinetic form is via the
magnetization parameter σ , which is the ratio of Poynting to
mass energy flux (Kennel & Coroniti 1984a; Li et al. 1992;
Begelman & Li 1994; Vlahakis 2004; Komissarov et al. 2007),

σ = S
K

=
E

∣∣Bϕ

∣∣

γ 2ρvp

. (10)

Substituting into Equation (5) we see that the conserved quantity
µ is related to σ by

µ = γ (σ + 1). (11)

The smallest value possible for σ is zero. Therefore, the
maximum value of γ is γmax = µ (Equation 9).

The magnetization σ is not conserved along a field line. At
the surface of the star, where γ ≈ 1, we have σ ≈ µ − 1. As
the magnetized wind flows out and energy is transferred from
Poynting to matter energy, γ increases and σ decreases. An
efficient wind would be one in which σ asymptotes to a value
!1, so that the outflowing material is able to convert at least half
of its energy flux into matter energy. The numerical solutions
shown in Figures 1 and 2 fail to satisfy this criterion by a large
factor in the equatorial regions. This implies there is no ideal,
axisymmetric MHD solution to the σ problem (Rees & Gunn
1974; Kennel & Coroniti 1984a, 1984b).

There is, however, one promising feature in the results: the
polar regions of the wind are efficient, with γ /µ → 1 and
σ & 1 at large distance from the star (Figure 2). This interesting
feature of the monopole problem has not been emphasized in the
literature. Most previous analyses and discussions have focused
on equatorial field lines where the efficiency is, indeed, too low
to solve the σ problem.

6 In this paper, we label field lines by either the enclosed magnetic flux Φ or
the polar angle at the footpoint θfp.

Figure 2. Panels on the left correspond to model M90 and those on the right to
M10. The solid black lines in the top panels show the scaled total energy flux µ
as a function of sin θfp, where θfp is the polar angle corresponding to footpoints
of field lines. The five colored lines show profiles of γ at five different distances
from the star: r = 102 (magenta, dash-dotted), 103 (blue, long-short-dashed),
104 (green, short-dashed), 106 (orange, long-dashed), and 109 (red, solid). The
closer γ gets to µ the more efficient the acceleration. The middle panels show
the acceleration efficiency γ /µ and the lower panels show the magnetization
parameter σ = (µ/γ ) − 1 at the same five distances. Note that γ /µ is largest
and σ is smallest closest to the pole (sin θfp & 1). The various dotted lines
correspond to the analytical model described in Section 4.1. The shaded area
in the bottom panel indicates the regions of the solution where mass energy
flux exceeds Poynting flux (σ < 1, or γ /µ > 1/2). Note that magnetic flux
gradually converges toward the polar axis as a function of increasing radius, so
the lines corresponding to larger radii truncate at small values of θfp.
(A color version of this figure is available in the online journal.)

Unfortunately, the actual Lorentz factor along polar field lines
in M90 is only ∼ 20 since this is the value of µ for these lines.
Would we continue to have high efficiency in the polar region
even with larger values of µ? In particular, is it possible to have
acceleration with high efficiency up to Lorentz factors γ > 100,
as observed for instance in GRBs? For this we need to study a
model with larger values of µ near the pole. We describe such a
model in the following subsection.

3.2. Model M10

From Equation (5), we see that an obvious way to increase
µ is to lower the density of the wind at the stellar surface. For
instance, if we were to reduce ρ by a factor of ∼30 relative to
M90, then we would have a model with µ ∼ few hundred for a
field line with θfp ∼ 10◦ (see Figure 3). We could then explore
acceleration along this field line and determine whether or not
the outflowing wind achieves a coasting γ > 100.

Since µ varies as sin2 θfp, this approach would lead to
extremely large values of µ at the equator. As a result, the
model would require very large resolution to simulate accurately
and would be extremely expensive. Therefore, for numerical
convenience, we consider a model in which we choose the profile
ρ(θfp) such that µ is large near the pole, reaches a maximum µmax
at a specified footpoint angle θfp = θmax, and then decreases with

1794 TCHEKHOVSKOY, MCKINNEY, & NARAYAN Vol. 699

where θfp represents the value of θ at the footpoint of a field
line. Also, at the footpoint, vp and ρ are constant, and γ ≈ 1.
We thus have6

µ(θfp) ∝ sin2 θfp, (8)

for µ # γ0 (γ0 is the initial Lorentz factor at r = 1), i.e., µ is
a rapidly increasing function of θfp. This can be seen in the top
right panel in Figure 1 and also in Figure 2.

As mentioned above, the quantity µ is conserved along each
field line. However, the two energy contributions to µ, the
Poynting flux S and the mass energy flux K, are not individually
conserved. In fact, the outflowing wind converts Poynting flux
to mass energy, thereby accelerating the wind and causing γ to
increase.

If the wind were maximally efficient at accelerating the
matter, we would expect S → 0 at large distance from the
star. The Lorentz factor would then achieve its maximum value

γmax = µ. (9)

In practice, the wind falls far short of this maximum. As
Figures 1 and 2 show, µ is quite large in model M90, with
a value of 460 at the equator (θfp = π/2). However, the Lorentz
factor of the wind, even at a radius of 1010, does not exceed
40. Thus, a magnetized monopole wind is very inefficient at
accelerating the gas. For an equatorial field line in M90, the
efficiency factor γ /µ is only about 0.09, as shown in Figure 2.

Another way of describing the efficiency of conversion
of energy from electromagnetic to kinetic form is via the
magnetization parameter σ , which is the ratio of Poynting to
mass energy flux (Kennel & Coroniti 1984a; Li et al. 1992;
Begelman & Li 1994; Vlahakis 2004; Komissarov et al. 2007),

σ = S
K

=
E

∣∣Bϕ

∣∣

γ 2ρvp

. (10)

Substituting into Equation (5) we see that the conserved quantity
µ is related to σ by

µ = γ (σ + 1). (11)

The smallest value possible for σ is zero. Therefore, the
maximum value of γ is γmax = µ (Equation 9).

The magnetization σ is not conserved along a field line. At
the surface of the star, where γ ≈ 1, we have σ ≈ µ − 1. As
the magnetized wind flows out and energy is transferred from
Poynting to matter energy, γ increases and σ decreases. An
efficient wind would be one in which σ asymptotes to a value
!1, so that the outflowing material is able to convert at least half
of its energy flux into matter energy. The numerical solutions
shown in Figures 1 and 2 fail to satisfy this criterion by a large
factor in the equatorial regions. This implies there is no ideal,
axisymmetric MHD solution to the σ problem (Rees & Gunn
1974; Kennel & Coroniti 1984a, 1984b).

There is, however, one promising feature in the results: the
polar regions of the wind are efficient, with γ /µ → 1 and
σ & 1 at large distance from the star (Figure 2). This interesting
feature of the monopole problem has not been emphasized in the
literature. Most previous analyses and discussions have focused
on equatorial field lines where the efficiency is, indeed, too low
to solve the σ problem.

6 In this paper, we label field lines by either the enclosed magnetic flux Φ or
the polar angle at the footpoint θfp.

Figure 2. Panels on the left correspond to model M90 and those on the right to
M10. The solid black lines in the top panels show the scaled total energy flux µ
as a function of sin θfp, where θfp is the polar angle corresponding to footpoints
of field lines. The five colored lines show profiles of γ at five different distances
from the star: r = 102 (magenta, dash-dotted), 103 (blue, long-short-dashed),
104 (green, short-dashed), 106 (orange, long-dashed), and 109 (red, solid). The
closer γ gets to µ the more efficient the acceleration. The middle panels show
the acceleration efficiency γ /µ and the lower panels show the magnetization
parameter σ = (µ/γ ) − 1 at the same five distances. Note that γ /µ is largest
and σ is smallest closest to the pole (sin θfp & 1). The various dotted lines
correspond to the analytical model described in Section 4.1. The shaded area
in the bottom panel indicates the regions of the solution where mass energy
flux exceeds Poynting flux (σ < 1, or γ /µ > 1/2). Note that magnetic flux
gradually converges toward the polar axis as a function of increasing radius, so
the lines corresponding to larger radii truncate at small values of θfp.
(A color version of this figure is available in the online journal.)

Unfortunately, the actual Lorentz factor along polar field lines
in M90 is only ∼ 20 since this is the value of µ for these lines.
Would we continue to have high efficiency in the polar region
even with larger values of µ? In particular, is it possible to have
acceleration with high efficiency up to Lorentz factors γ > 100,
as observed for instance in GRBs? For this we need to study a
model with larger values of µ near the pole. We describe such a
model in the following subsection.

3.2. Model M10

From Equation (5), we see that an obvious way to increase
µ is to lower the density of the wind at the stellar surface. For
instance, if we were to reduce ρ by a factor of ∼30 relative to
M90, then we would have a model with µ ∼ few hundred for a
field line with θfp ∼ 10◦ (see Figure 3). We could then explore
acceleration along this field line and determine whether or not
the outflowing wind achieves a coasting γ > 100.

Since µ varies as sin2 θfp, this approach would lead to
extremely large values of µ at the equator. As a result, the
model would require very large resolution to simulate accurately
and would be extremely expensive. Therefore, for numerical
convenience, we consider a model in which we choose the profile
ρ(θfp) such that µ is large near the pole, reaches a maximum µmax
at a specified footpoint angle θfp = θmax, and then decreases with
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Figure 7. Evolution of the magnetic flux distribution across the jet with distance from the inlet. Left-hand panel: model C1. Middle panel: model C2. In both
cases the solid line corresponds to η = 10, the dashed line to η = 102, the dash–dotted line to η = 103, the dotted line to η = 104 and the dash–triply dotted
line to η = 105. Right-hand panel: model A2. The solid line corresponds to η = 1, the dashed line to η = 30, the dash–dotted line to η = 3 × 102, the dotted
line to η = 3 × 103 and the dash–triply dotted line to η = 3 × 104. Note that in the conical case we use the spherical coordinate θ = arctan ξ (in radians) rather
than the ξ coordinate.

Figure 8. $σ (solid line), µ (dashed line) and $ (dash–dotted line) along a magnetic field line as a function of cylindrical radius for models C1 (left-hand
panel), C2 (middle panel) and A2 (right-hand panel).

Figure 9. Distribution of µ (solid line), $ (dashed line) and $σ (dash–dotted line) across the jet for models C1 (left-hand panel) and C2 (middle panel) at
η = 105, and for model A2 (right-hand panel) at η = 2 × 103.

(17) and (28) to obtain

$σ =
(

&'2

4π2kc3

)

S ∝ S.

SinceS depends on the shape of the flow, the latter relation brings
out the importance of the trans-field force balance and the connection
between acceleration and collimation. If the poloidal magnetic field

is almost uniformly distributed across the jet then S ∼ 1; this is the
case near the inlet boundary. However, due to the collimation, the
poloidal magnetic flux becomes concentrated near the rotation axis,
forming a cylindrical core and causingS to decrease with increasing
r (see Fig. 15).

Our jet solutions are characterized by a high magnetic-to-kinetic
energy conversion efficiency, but in the final states that we obtain

C© 2007 The Authors. Journal compilation C© 2007 RAS, MNRAS 380, 51–70
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Figure 1. Model C1. Left-hand panels show log10 !ρ (colour), where !ρ is the jet density as measured in the laboratory frame, and magnetic field lines.
Right-hand panels show the Lorentz factor (colour) and the current lines. The thick solid line in the top-left-hand panel denotes the surface where the flow
becomes superfast in the η direction. The top panels show the solution for the first grid sector, whereas the bottom panels show the combined solution for the
second and third grid sectors.

effective collimation in the inner region of the jet than at the jet
boundary (see discussion following equation 29 in Section 5.1).

A careful inspection of the velocity field in the lower right-hand
panel of Fig. 1 reveals an additional region of effective acceleration
near the jet axis for z ! 103. This acceleration, however, is unphys-
ical as it is caused by numerical diffusion/dissipation in the core
that results from large gradients of the flow variables that develop
there. The gradual growth of errors in this region is clearly seen in
Fig. 4, which shows the flow constants as functions of $ at vari-
ous distances from the source. Beyond z = 104 the errors become
unacceptably large and this makes further continuation of the so-
lution via grid extension meaningless. We note in this connection
that, even in the absence of exact analytic solutions, the existence of
flow constants makes the jet problem a very useful one for testing
RMHD codes and assessing their performance.

Fig. 2 shows the distribution of the Lorentz factor, the lab-frame
rest-mass density, the poloidal magnetic field and the poloidal elec-
tric current for model C2. One can see that a core still develops
but that a boundary sheath is no longer present. This is because the
uniform rotation of the magnetic field lines in this model ensures an

effective generation of azimuthal magnetic field all the way up to the
jet boundary. Fig. 5 shows the development of an axial line current
in this solution, a result of the gradual decrease of the core radius
relative to the jet radius (similar to what is seen in model C1). Note,
however, that the light cylinder is unresolved at the distance where
the line current is observed. Thus, what looks like a line current
could be a smoothly distributed current inside the light cylinder.

Inside the jet the electric current flows inward everywhere, and
current closure is achieved via a surface current. The radial com-
ponent of the current peaks near the boundary, resulting in a higher
(1/c) jp × Bφ force and a more effective plasma acceleration in this
region.

As in the C1 solution, the numerical errors in model C2 grow most
rapidly near the jet axis (see Fig. 4), although they are somewhat
smaller in this case. Moreover, the most interesting region of the
flow, where the acceleration is most effective, is now far from the
axis and does not suffer from these errors as much as in model C1.
This feature is characteristic not only of models C but of all the
other models as well. For this reason we have decided to focus our
attention on the models with uniform rotation, A2–D2, and in the

C© 2007 The Authors. Journal compilation C© 2007 RAS, MNRAS 380, 51–70

Komissarov et al. (2007)log(Γρ′ ) Γ

field lines current lines
Γ

μ ≡ Γ(1 + σ′ )

Γσ′ 



BEYOND MAGNETICALLY 
DOMINATED JETS

As the jets become relativistically fast, the convert from being dominated by 
magnetic energy (Poynting flux) to being dominated by kinetic energy (inertia). 

As the magnetic fields become weak, they may be subject to instabilities 
disrupting the ordered structure and leading to turbulent motions, making the 
fields chaotic. 

Dissipation of ordered energy (kinetic by shocks, magnetic by reconnection) 
leads to non-thermal particle acceleration and blazar emission.

D. Meier

acceleration-collimation zone dissipation (blazar) zone



INSTABILITIES IN 
MAGNETIZED JETS



INSTABILITIES OF JETS WITH 
TOROIDAL MAGNETIC FIELDS

The Astrophysical Journal, 734:19 (18pp), 2011 June 10 Mizuno, Hardee, & Nishikawa

Figure 2. Time evolution of three-dimensional density isosurfaces with a transverse slice at z = 0 for case CPs2a. The time, t, is in units of tc = L/c. Color shows
the logarithm of the density with solid magnetic field lines. Velocity vectors are shown by the arrows.
(A color version of this figure is available in the online journal.)

Table 1
Models and Parameters

Case α vj /c Rj /a Pitch

CPsa/2 1.0 0.2 0.5 Constant
CPsa 1.0 0.2 1.0 Constant
CPs2a 1.0 0.2 2.0 Constant
CPs4a 1.0 0.2 4.0 Constant
CPfa/2 1.0 0.3 0.5 Constant
CPfa 1.0 0.3 1.0 Constant
CPf2a 1.0 0.3 2.0 Constant
CPf4a 1.0 0.3 4.0 Constant
CP0 1.0 0.0 0.0 Constant
DPsa/2 2.0 0.2 0.5 Decrease
DPsa 2.0 0.2 1.0 Decrease
DPs2a 2.0 0.2 2.0 Decrease
DPs4a 2.0 0.2 4.0 Decrease
DP0 2.0 0.0 0.0 Decrease

3. RESULTS

3.1. Constant Helical Pitch: vj = 0.2c

Figure 2 shows the time evolution of a density isosurface for
constant helical pitch with vj = 0.2c and Rj = 2a (CPs2a)
where the time, t, is in units of tc ≡ L/c = 4a/c (light
travel time across the largest velocity shear surface radius,
Rj = 4a, considered in this study). Displacement of the initial
force-free helical magnetic field by growth of the CD kink
instability leads to a helically twisted magnetic filament wound
around the density isosurface. In the nonlinear phase, helically
distorted density structure shows continuous transverse growth
and propagates in the flow direction. This propagation of the
helical kink structure does not occur for a static plasma column
(Mizuno et al. 2009a).
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Mizuno et al. (2011)

toroidal magnetic field 
supported by gas pressure is 
unstable 
(Kruskal & Schwarzschild 1954) 

magnetic fields in expanding jets 
become increasingly toroidal 

,  

jets may need to dissipate their 
magnetic fields via magnetic 
reconnection 
(Giannios & Spruit 2006)

Bϕ ∝ R−1 Bp ∝ R−2



KINETIC SIMULATIONS OF INSTABILITIES 
IN CYLINDRICAL JETS WITH TOROIDAL MAGNETIC FIELDS

transferred to newly accelerated particles with a power-law
spectrum. Importantly, we observe that the maximum
energy gain increases linearly with the jet cross-sectional
radius. Based on these findings, we argue that this new
mechanism can account for the acceleration of high-energy
leptons and hadrons in AGN jets.
We simulated a volume of the jet in its proper reference

frame, with relativistic electron-positron plasma supporting
a helical magnetic field in an unstable hydromagnetic equi-
librium; the net-inward magnetic stress is balanced by
increased thermal pressure near the axis (see Supplemental
Material [18]). This setup approximates the jet spine after
the plasma has been focused towards the axis by recol-
limation, at the moment when it stagnates and is most
vulnerable to the internal KI. We consider magnetic field
profiles of the form BðrÞ ¼ B0ðr=RcÞe1−r=Rceϕ þ Bzez,
where Rc is the cross sectional radius of the jet spine.
We have also tested toroidal magnetic field profiles that
decay as r−α (with α ≥ 1), and determined that our overall
findings are not sensitive to the structure of the magnetic
field far from Rc. Near the black hole, the poloidal and
toroidal magnetic field components (Bz and Bϕ, respec-
tively) are comparable to one another [23]. However,

Bz=Bϕ decreases with distance from the source, and can
be very small at the relevant ∼100 pc distances. The
characteristic magnetic field amplitude (henceforth denoted
as B0) at these distances, B0 ∼mG, is quite strong in the
sense that the ratio σ of the magnetic to plasma rest-mass
energy densities may exceed unity. The simulations cover
values of σ ¼ 1–10 and Bz=Bϕ ¼ 0.0–0.5.
We utilize the fully kinetic electromagnetic PIC code

OSIRIS 3.0 [24,25]. Our simulations resolve a large dynamic
range in 3D, enabling us to study the interplay between the
evolution of the KI at large scales and the dynamics of
particles at small scales, i.e., between the MHD physics
of the jet spine at ∼Rc and the kinetic physics operating at
the particle gyroradius scale ρg ≪ Rc. By systematically
increasing the scale separation R̄≡ Rc=hρgi, we find
asymptotic behavior in the particle acceleration physics
as R̄ ≫ 1. The dimensions of the simulated domains are
20 × 20 × ð10 − 20ÞR3

c, with the jet located at the center of
the domain and oriented along ẑ. The simulations resolve
the gyroradius of thermal particles at the core of the jet,
hρgi, with 4–12 points, and use 8–16 particles per cell per
species [18]. Our largest simulations attain R̄ ¼ 50 and are

J [cB0/2πRc]
2.52.01.00.5 1.50.0

Ez [B0]
0.40.2-0.2-0.4 0.0

B [B0]
1.00.80.40.2 0.60.0

(a1)

(a2)

(b1)

(b2)

(c1)

(c2)

FIG. 1. Evolution of the jet structure subject to the kink instability. (a) Current density, (b) magnetic field lines, and (c) axial electric
field, taken at times (1) ct=Rc ¼ 16 and (2) ct=Rc ¼ 24. These times correspond to the linear and nonlinear stages of the kink instability.
Note that a quarter of the simulation box has been removed in (b1), (b2), and (c2) to reveal the inner field structure of the jet.
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gas pressure balanced 
(Z-pinch)

nonlinear, we observe a strong burst of particle energization due to
a non-ideal electric field, which takes place in current sheets at the
jet’s periphery. A 3D visualization of the location of a subset of
the energized particles, color coded by their Lorentz factor, is
shown in Figure 1. Figure 2 demonstrates the location of the
current sheets where particle energization takes place. It shows
slices of the current density in the x–z and x–y planes, overplotted

by energetic particles color coded according to their
l l
E B· at their

location. These sheets have strong guide fields. In the periphery
the guide field is comparable in strength to the reconnecting field,
while in the core it is approximately five times stronger. The
presence of a strong guide field suppresses particle acceleration
and leads to the formation of steep power laws in the particle
distribution function (DF). Werner & Uzdensky (2017) studied

relativistic reconnection in pair plasmas with strong guide fields
using local PIC simulations, and found a relation between the
strength of the guide field and the power-law index, α, of the DF,
f (γ)∝γ−α. In our work we find α≈3−5, which is in
agreement with their results for comparable strengths of the
reconnecting and guide magnetic field components. At this stage,
we find the maximum energy of accelerated particles to scale as
γmax≈χ rcore/rL0, where �r m c eBeL0

2
0 is a nominal cold

relativistic gyroradius, and χ≈1/6.6

Figure 1. From left to right: decreasing pitch (DP), increasing pitch (IP), and embedded pitch (EP) cases. In the top row, thick green lines show magnetic field lines.
Subsampled distribution of energetic particles is visualized as dots color-coded by their Lorentz factors. Plots are computed at t=60, 110, 90 rcore/VA
correspondingly, the onset times of the acceleration episode in each configuration (see the bottom panel). The middle row shows distribution functions (DFs) for all
three setups, each set of two plots shows DFs at the end of the simulation on the left for all three σ0=10, 20, 40 values, and the time evolution of the spectrum of the
σ0=40 run on the right. Panel (b) also includes Maxwellians fitted to the DFs; panels (e) and (h) show power laws fitted to the DFs. The bottom row shows statistics
of the acceleration events as a function of simulation time and particle energy. For a given particle at a particular energy, we classify the acceleration episode based on
if parallel or perpendicular electric field dominates particle energization. NP and N⊥ are the numbers of parallel and perpendicular acceleration events, respectively.
Initial particle distribution is a Maxwellian with a low temperature, � m c k10 e

2 2
B, and all the spectra correspond to energized particles with γ>2.

6 This conclusion is based on our simulations with different strengths of the jet’s
magnetic field. Increasing the jet’s size is numerically expensive in our current
setups, as the jet significantly expands laterally during the simulation time. We will
conduct a systematic study of the dependence of γmax on the jet’s size in
future work.
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axial magnetic field balanced 
(force-free screw-pinch)

efficient particle acceleration found in both cases
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moderately relativistic magnetization, highly relativistic temperature14 Ortuño-Maćıas et al.

Figure 2. Maps of the magnetic field component By (top row of panels) and the electric field component Ez (middle row of panels)
in the y = 0 plane, as well as the Ez component in the z = 0 plane (bottom row of panels), all in units of B0 (positive values in red,
negative in blue), at regular time intervals (from left to right) for the reference simulation f1 ↵-1 ⇠10.

KINETIC SIMULATIONS OF INSTABILITIES 
IN CYLINDRICAL JETS 

WITH TOROIDAL MAGNETIC FIELDS

José Ortuño-Macías, KN, D. Uzdensky, M. Begelman, G. Werner, A. Chen, B. Mishra (ApJ in press)



Figure 13: 3D renderings for simulation f05 T4 ↵B�1 at ct/L ' 3 of the surfaces described by the fol-
lowing parameters: (left) gas number density n = 0.5 hni, (middle) electric current density component
jz = 0.3ce hni, (right) mean particle energy h�i = 4⇥. The z-axis is vertical.
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acceleration by   until the confinement 
limit   (Alves et al. 2018) 

⃗E ⊥ ⃗B
γlim = eB0R0/mc2
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SUMMARY
Jets are collimated outflows from certain accreting black 
holes characterized by highly relativistic speeds appearing 
as superluminal. 

Radiation from a relativistic jet viewed at a small angle is 
very strongly boosted (Doppler effect + aberration). 

Jets are powered by Poynting flux induced in a rotating 
magnetosphere with poloidal and toroidal fields. 

Acceleration of jets to relativistic speeds involves 
conversion of relativistic magnetization aided by 
collimation.


